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ABSTRACT
We present HST/STIS observations and analysis of two prominent nebular structures
around the central source of η Carinae, the knots C and D. The former is brighter than
the latter for emission lines from intermediate or high ionization potential ions. The
brightness of lines from intermediate and high ionization potential ions significantly
decreases at phases around periastron. We do not see conspicuous changes in the
brightness of lines from low ionization potential (<13.6 eV) ions over the orbital period.
Line ratios suggest that the total extinction towards the Weigelt structures is AV =
2.0. Weigelt C and D are characterized by an electron density of 106.9 cm−3 that
does not significantly change throughout the orbital cycle. The electron temperature
varies from 5500 K (around periastron) to 7200 K (around apastron). The relative
changes in the brightness of He i lines are well reproduced by the variations in the
electron temperature alone. We found that, at phases around periastron, the electron
temperature seems to be higher for Weigelt C than that of D. The Weigelt structures
are located close to the Homunculus equatorial plane, at a distance of about 1240 AU
from the central source. From the analysis of proper motion and age, the Weigelt
complex can be associated with the equatorial structure called ‘Butterfly Nebula’
surrounding the central binary system.
Key words: stars: individual (η Carinae) — stars: massive — binaries: general —
stars:circumstellar matter — atomic data — atomic processes — radiation mechan-
isms: general — plasmas
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1 INTRODUCTION
The Weigelt knots1 were first observed in the op-
tical region through speckle interferometric tech-
niques (Weigelt & Ebersberger 1986). These struc-
tures are responsible for the conspicuous, low velo-
city, narrow emission lines typically seen superim-
posed on the emission lines in the spectrum of the
massive, wind-wind colliding binary system in η Car
(Davidson et al. 1995). In the observer’s line of sight
to the central source, the total extinction is higher
1 While often called the Weigelt ’blobs’, we choose to
call them the Weigelt knots.
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than in the line of sight to the knots, and that makes
them appear unusually bright when compared to the
central source (see Fig. 1 and Hillier & Allen 1992;
Davidson et al. 1995).
Many studies have contributed to determ-
ine the nature and to constrain the physical
properties and spatial orientation of the Wei-
gelt knots. An extensive and detailed review of
the nebular equatorial structures seen in η Car
was done by Davidson & Humphreys (1997) and
Weigelt & Kraus (2012), and we refer the reader to
these publications for more information. Below, for
the sake of brevity, we mention a few key publica-
tions that are relevant to the present paper.
Davidson et al. (1995, 1997) showed that the
knots were condensed nebular ejecta and that they
lie close to the equatorial region, with an es-
timated H i density and electron temperature of
NHI > 10
7 cm−3 and Te ≈ 8000 K, respectively.
Hamann et al. (1999) showed that the knots present
a partially-ionized region responsible for the weak
H i and strong Fe ii emission, and that they are CNO-
processed material, with overabundance of N and
depletion of C and O, relative to solar values (see
also Verner et al. 2005). Those authors also con-
cluded that the electron density of the knots should
be within the Ne ∼ 104–108 cm−3 range.
Johansson & Letokhov (2001, 2005) showed that
selective photo-excitation by resonant H i trans-
itions are required in order to explain the an-
omalously high intensity of the Fe ii λ2507 and
λ2509 lines, as well as the behavior of the O i
lines at 8446 (fluorescent), 6300 (forbidden trans-
ition), and 7774 Å(allowed transition). Additionally,
Verner et al. (2002, 2005) showed that continuum
pumping is also important to appropriately repro-
duce the intensity of the optical Fe II lines.
A detailed map of the actual shape and distri-
bution of the material located in the equatorial re-
gion was made possible by combining high spatial
resolution imaging with spectroscopy. Smith et al.
(2002) and Chesneau et al. (2005) showed the pres-
ence of a spatially extended, clumpy, and dusty ring-
like structure (called the Butterfly Nebula) that be-
comes apparent at wavelengths longward than 2 µm.
Without any information on the kinematics of this
ring-like structure, Chesneau et al. (2005) suggested
that it could be the projection on the sky of a bipolar
nebula, but Smith (2006) showed that this structure
lies close to the equatorial plane between the two bi-
polar lobes of the Homunculus.
As noted by Chesneau et al. (2005), the position
of the optical Weigelt knots does not match the posi-
tion of the infrared bright structures (named C′ and
D′ by those authors; Fig. 2). The optical structures
are actually emission from the partially-ionized re-
gion around the clumps seen in the infrared. They
find no infrared counterpart for the optical knot B.
In contrast, there is no optical counterpart for the
infrared structure located to the West of the central
source.
Another remarkable feature of the Weigelt knots
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Figure 1. Archival HST image obtained on 1992 Nov. 03
with the Advanced Camera for Surveys/High Resolution Cam-
era (ACS/HRC ). In this image, the optical Weigelt knots B, C,
and D can be clearly identified. The compressed primary wind
structures (discussed in detail in Teodoro et al. 2013) are also
indicated. North is up and East is to the left.
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Figure 2. Comparison between the optical knots and the in-
frared structures detected on NACO images obtained on 2002
Nov 16 by Chesneau et al. (2005) using the NB_374 filter (cent-
ral wavelength around 3.74 µm; dominated by emission from the
hydrogen line Pfγ). The position of the NACO structures was
corrected for the difference of 10 yr between the images.
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Table 1. Summary of the HST/STIS observations of η Carinae.
Program
P. I. Grating
Central Mapping Pixel
Slit Observation
Φa
ID
wavelength region size scale
PA date
(Å) (arcsec2) (arcsec pixel−1)
11506 K. Noll
G430M 4706
6.4×2.0 0.10 +79.51◦ 2009 Jun 30 12.085
G750M 5734, 7283
12013 M. Corcoran
G430M 4706
6.4×1.4 0.10 −121.03◦ 2009 Dec 06 12.163
G750M 5734, 7283
12013 M. Corcoran
G430M 4706
6.4×1.1 0.05 −166.67◦ 2010 Oct 26 12.323
G750M 5734
12508 T. Gull
G430M 4706
6.4×2.0 0.05 −138.66◦ 2011 Nov 20 12.516
G750M 5734, 7283
12750 T. Gull
G430M 4706
6.4×2.0 0.05 −174.84◦ 2012 Oct 18 12.680
G750M 5734, 7283
13054 T. Gull G430M 4706 6.4×2.0 0.05 −136.73◦ 2013 Sep 03 12.839
aΦ = 12 + ϕ, where ϕ is the phase of the spectroscopic cycle. See text for details.
Table 2. List of the spectral lines used in this work.
Line IDa
Wavelengthb Transition E1 E2 χ1c χ2d nce
(Å) (lower − upper) (eV) (eV) (eV) (eV) (106 cm−3)
[Ar III] λ7137 7137.76 3P2 − 1D2 0.000 1.737 27.6 40.7 4.8
He I λ4714 4714.48 3P − 3S 20.964 23.593 0.0 24.6 N.A.
He I λ7065 7067.18 3P − 3S 20.964 22.718 " " N.A.
He I λ7283 7283.37 1P1 − 1S0 21.217 22.920 " " N.A.
[Fe III] λ4608 4607.03 5D4 − 3F23 0.000 2.690 16.2 30.7 4.9
[Fe III] λ4659 4658.05 5D4 − 3F24 0.000 2.661 " " 7.4
[Fe III] λ4702 4701.53 5D3 − 3F23 0.054 2.690 " " 4.9
[Fe III] λ4735 4733.91 5D2 − 3F22 0.092 2.710 " " 2.4
[Fe III] λ4756 4754.69 5D3 − 3F24 0.054 2.661 " " 7.4
[Fe III] λ4771 4769.43 5D2 − 3F23 0.092 2.690 " " 4.9
[N II] λ5756 5756.21 1D2 − 1S0 1.899 4.053 14.5 29.6 16.4
[Fe II] λ4641 4640.97 a6d 6D3/2 − b4p 4P1/2 0.107 2.778 7.9 16.2 3.6
[Fe II] λ4730 4729.39 a6d 6D5/2 − b4p 4P3/2 0.083 2.704 " " 6.0
[Fe II] λ4776 4776.05 a4f 4F9/2 − b4f 4F7/2 0.232 2.828 " " 20.2
[Fe II] λ4815 4815.88 a4f 4F9/2 − b4f 4F9/2 0.232 2.807 " " 45.0
[Ni II] λ7413 7413.65 2D3/2 − 2F5/2 0.187 1.859 7.6 18.2 1.4
[Ni II] λ7379 7379.86 2D5/2 − 2F7/2 0.000 1.680 " " 0.6
aAs used throughout the text and in the figures.
bRest wavelength in vacuum.
cIonization potential from previous ionization stage (X i−1 → X i).
dIonization potential to the next ionization stage (X i → X i+1).
eCritical density of upper level at Te = 104 K.
is that they respond to changes in the incident ra-
diation. Damineli et al. (1998) originally noted the
changes in nebular emission line intensities as a
function of excitation energy in the spectrum of
Eta Carinae. Hartman et al. (2005), Hamann et al.
(2005), Verner et al. (2005), Damineli et al. (2008),
Mehner et al. (2010) and Gull et al. (2016) showed
that, throughout the 5.5-yr spectroscopic cycle,
drastic changes in the intensity of emission occur
for the high ionization potential ions (e.g. Fe2+,
He+, Ar2+, Ne2+), whereas the emission from low
ionization potential ions (e.g. Fe+ and Ni+) re-
main roughly constant. This kind of behavior al-
lowed Verner et al. (2002), Verner et al. (2005), and
Mehner et al. (2010) to employ photo-ionization
models to constrain the physical properties of the
knots and, thus, indirectly probe the nature of the
secondary star. Although these studies agree that
106 < Ne . 2 × 10
7 cm−3, they obtain appreciably dif-
ferent parameters for the secondary, especially re-
garding its effective temperature and luminosity.
In this work, we present a detailed analysis of
the changes in the physical properties of the Wei-
gelt knots over almost an entire spectroscopic cycle
with complete spatial coverage of the inner region
(1.6×1.6 arcsec2) around central source. This allowed
us to determine the physical properties for each one
of the Weigelt knots across the spectroscopic cycle,
characterizing the changes in the ionization struc-
ture, brightness, electron density and temperature,
and estimating the distance and orientation of the
knots regarding the central source. Gull et al. (2016)
also did three dimensional spectroscopy of the Wei-
gelt knots.
Previous work only made use of observations
with a single slit that was either aligned along only
MNRAS 000, 1–19 (2014)
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one pre-defined direction or did not covered the Wei-
gelt complex entirely due to successive random ori-
entations defined by HST. This work is the first to
present full spatial information on the distribution
of the flux from low, intermediate, and high ioniz-
ation potential ions, across the broad spectroscopic
cycle.
We adopt the same nomenclature as defined in
Chesneau et al. (2005), where the optical Weigelt
knots are named B, C, and D, whereas the infrared
structures are named C′ and D′. The paper is or-
ganized as follows. In Section 2 we describe the ob-
servations, data reduction and analysis, whereas the
results are presented in Section 3. We discuss our
results in Section 4 and summarize our conclusions
in Section 5.
2 OBSERVATIONS, DATA REDUCTION, AND
ANALYSIS
Since we present analysis of data obtained at different
phases of the orbital cycle, we must indicate the ephemeris
equation we adopt throughout this paper. It is given by
JD=JD0+2022.7×(Φ − 13), where JD0 = 2, 456, 874.4 refers
to the extrapolated time of minimum intensity of the nar-
row component of the He i λ6678 line (Teodoro et al. 2016)
and Φ is the cycle+phase counting. Cycle 12 extends from
2009.0 to 2014.5. Hence, in the present work, Φ = 12 + ϕ,
where ϕ is the phase of the spectroscopic cycle (0 ≤ ϕ < 1).
A series of spatio-spectral maps around the central re-
gion around η Car have been obtained by the Hubble Space
Telescope (HST ) using the Space Telescope Imaging Spec-
trograph (STIS). It should be noted that the dataset
for phases 0.085, 0.163, and 0.323, presented in this
work, is the same as in Gull et al. (2011).
Previous HST/STIS long slit observations planned
and executed during the HST Treasury Program on Eta
Carinae2 (HST program numbers 9420 and 9973, PI
K. Davidson) focused on measuring the changes of η Car
and the Weigelt knots B and D at critical phases of the 5.54-
yr orbital period. Due to solar panel constraints, HST could
accommodate only a limited range of slit position angles that
changed from visit to visit. As the primary focus was on the
spectrum of the central source of η Car, critically timed ob-
servations occurred at HST -defined position angles (PA).
Multiple visits from these and previous programs extended
from 1998.0 to 2004.3.
The long slit HST/STIS observations recorded exten-
ded forbidden emission, most notably of Fe+ and Fe2+, struc-
tures that was found to originate in the interacting winds of
the binary system (Gull et al. 2009, 2011; Gull et al.
2016). The HST/STIS maps reveal dramatic changes of
flux and spatial distribution in emission from ions with low
(< 13.6 eV) and high (> 13.6 eV) ionization potentials3 near
2 http://etacar.umn.edu
3 The classification between low and high ionization po-
tential is based on the comparison between the ionization
energy of the ion and that of H i. We use this distinction
due to the fact that only the primary’s wind can produce
significant amounts of photons with energy < 13.6 eV.
periastron passage. Three-dimensional smooth particle hy-
drodynamic (SPH ) modeling (Madura et al. 2012) of the
interacting winds replicated the individual samples of for-
bidden emissions. However, a complete picture of how the
interacting winds changed with orbital phase could not be
made. Moreover, long term monitoring of the X-ray flux and
Hα equivalent width over several recent cycles, showed orbit-
to-orbit changes in η Car. Individual spectral slices recorded
in a single 5.54-year orbit could not determine whether the
winds of the binary companions were changing.
Complete maps of the spatially varying forbidden emis-
sion were needed. However, the STIS instrument failed in
the summer of 2004. With the STIS repair during the HST
Servicing Mission 4, in 2009 May, operational capability of
the instrument was demonstrated by mapping η Car as an
Early Release Observation (HST program number 11506).
A 6.4×2 arcsec2 field was sampled at 0.1 arcsec spacing (i.e.
0.1 arcsec slit shifts) with the 52 × 0.1 arcsec2 slit aperture
at three grating settings of the moderate (R = λ/∆λ = 8000)
dispersion gratings (Table 1) permitting complete spatial
maps of forbidden emission lines from ions such as Fe+,
Ni+, N+, Fe2+, and Ar2+.
This initial mapping captured the early re-emergence
(at ϕ = 0.085) of the colliding wind ‘bow shock’ in front of
the primary star (η Car A), right after the 2009.0 periastron
passage of the secondary (η Car B) to within one to two AU
behind η Car A. A second set of maps with the same spatial
sampling of 0.1 arcsec was accomplished in December 2009
(at ϕ = 0.163). Analysis of these maps confirmed that the
instrumental response was about 0.11 arcsec full-width at
half-maximum (FWHM ) so that a higher spatial sampling
(0.05 arcsec) was used in the third mapping observation in
October 2010 (ϕ = 0.323) and in all of the following obser-
vations through September 2013 (ϕ = 0.839).
The data was reduced with standard idl4 data tools.
Special data analysis tools were developed to resample the
multiple spectra into a standard grid referenced to right as-
cension and declination. Data cubes were extracted in the
form of velocity (20 kms−1 intervals5), right ascension (0.05
arcsec pixel−1) and declination (0.05 arcsec pixel−1). As the
first two visits have a coarser pixel scale (0.1 arcsec pixel−1)
than those taken subsequently, we resampled the early obser-
vations to keep the whole dataset with the same pixel scale
of 0.05 arcsec pixel−1 (the total flux for each dataset was con-
served, though). Each data cube included extractions from
−500 to +500 km s−1. For each position, continuum was sub-
tracted based upon selected continuum points found to be
devoid of nebular line and wind line emission.
In the present paper, for all line ratio diagnostics
used, we measured the total flux of the Weigelt
knots by integrating the line emission within a re-
gion centered on ∆α = −0.25 arcsec; ∆δ = −0.13 arc-
sec for Weigelt C, and ∆α = −0.05 arcsec; ∆δ = −0.38
arcsec for Weigelt D. Three windows with different
dimensions were used to estimate the uncertainties:
0.20×0.20 (width in right ascension×height in declin-
4
idl is a trademark of Exelis Visual Information Solutions, Inc.;
http://www.exelisvis.com/ProductServices/IDL.aspx
5 Note, however, that the spectral resolution of STIS is
about 38 km s−1.
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ation), 0.25 × 0.25, and 0.30 × 0.25 arcsec2. The total
flux for each line of the selected line ratio pair was
then divided by the corresponding flux-integration
area (0.20×0.20, 0.25×0.25, or 0.30×0.30 ′′2), resulting
in the specific intensity (or brightness) of each knot.
3 RESULTS
3.1 Changes in the spatial distribution of line
emission in the Weigelt complex
Fig. 3 shows the spatially-resolved distribution of emis-
sion from a sample of low, intermediate, and high ioniza-
tion potential ions during almost an entire orbital period,
while Fig. 4 shows the intensity profiles extracted
from two selected directions (indicated by the ar-
rows in Fig 3) corresponding to the average location
of the Weigelt knots as determined by Smith et al.
(2004) and Dorland et al. (2004), and corrected by
the proper motion determined by those authors.
The first thing to note about the Weigelt knots
is that the line emission associated with them is ex-
tended and diffuse, as opposed to point-like sources
as seen in optical (continuum plus emission lines)
images. The spatial distribution, of course, varies
with the phase of the spectroscopic cycle and is also
dependent on the line transition observed. For in-
stance, the emission from high ionization potential
ions (e.g. Ar2+ and He0), as well as from intermedi-
ate ones (e.g. Fe2+ and N+), is strongly dependent
on the phase of the spectroscopic cycle (see Fig 4a–
d and g–j ). On the other hand, emission from low
ionization ions (Fig 4e, f, k, and l) remains roughly
constant throughout the spectroscopic cycle.
Although the behavior mentioned in the pre-
vious paragraph has been reported by previous
works (e.g. Hamann et al. 2005; Verner et al. 2005;
Mehner et al. 2010), Fig. 3 shows that not only the
flux of the emission line depends on the phase spec-
troscopic cycle, but the projected shape of the emis-
sion region, as well. Indeed, emission from high ion-
ization potential ions is distributed over a more com-
pact area relative to that from low ionization poten-
tial ions.
A comparison between Fig. 3 and 4 clearly shows
that, for intermediate and high ionization potential
ions, the increase in the line flux profile is not re-
stricted only to the emission from the Weigelt knots.
Instead, emission from the entire Weigelt complex
is altered, even at distances far away from the meas-
ured position of the knots. This effect is shown
in more details in Fig. 5, for the specific case of
[Fe ii] λ4815 and [Fe iii] λ4659 at two different phases.
At phase 0.085, emission from [Fe iii] λ4659 is
weak and concentrated around a compact region
close to Weigelt C (Fig. 5a). In contrast, at the
same phase, [Fe ii] λ4815 emission is spread all over
the Weigelt complex, with two distinctive flux max-
ima around the Weigelt knots (Fig. 5c). Later on, at
phase 0.516, however, the intensity of emission from
[Fe iii] λ4659 is substantially increased, as well as its
projected size (Fig. 5b), whereas the [Fe ii] λ4815
emission region slightly shrinks in size, but the total
flux, as shown in Section 3.4.1, remains constant
(this is expected, since more Fe2+ is recombining
into Fe+, which in turn recombines into Fe0 keeping
the number of Fe+ roughly the same).
Since the ionization state of the Weigelt knots
is governed by the incident flux from the central
source, the changes in the spatial distribution of
line emission at phase 0.085 relative to the other
phases can be explained by a significant reduction
of H-ionizing photons reaching the Weigelt com-
plex at early phases of the spectroscopic cycle. This
same conclusion was also obtained by Hamann et al.
(2005) after analyzing the spectrum of Weigelt D
across the 2003.5 spectroscopic event.
In the binary scenario, the decrease of H-
ionizing photons at phases close to the spectroscopic
event is naturally ascribed to the quenching of the
flux of the hot secondary by the primary wind, as
the system approaches periastron passage, whereas
emission from low ionization potential ions is sus-
tained by the flux from the primary star at all
phases (Hamann et al. 2005; Hartman et al. 2005;
Verner et al. 2002).
3.2 Ionization structure
In order to determine the position of the Weigelt
knots at the different wavelengths, we first used a
Gaussian filter with a fixed width of 2 pixels (about
the size of the PSF FWHM of 0.11′′) to smooth the
iso-velocity images, and then we determined the po-
sition of maximum flux of each Weigelt knot for each
line listed in Table 2. With this procedure, we were
able to determine both the distance from the cent-
ral source and the position angle (PA) of each knot.
We note, however, that emission from He0 is relat-
ively weak and is blended with the PSF for phases
earlier than 0.163. Only at phases later than that
it is possible to detect extended emission associated
with the Weigelt knots and reliably measure their
position. Table 3 summarizes our results.
The ionization structure of Weigelt C was
discussed in detail by Remmen et al. (2013), us-
ing HST/STIS data obtained on 2010 March 3
(Φ = 12.206). They showed that Weigelt C presents
a peculiar ionization stratification, with low ioniz-
ation potential ions located closer (projected dis-
tance) to the central source than high ionization
potential ions. Fig. 6a confirms their results and
also shows that both the distance from the cent-
ral source and the PA at which the maximum flux
occurs depends upon the ionization potential of the
transition.
The emission from the intermediate ionization
potential ions Fe2+ and N+ is clearly separated, with
the former being at a smaller projected distance
from the central source than the latter, especially
at phases 0.323, 0.516, and 0.680. This is somewhat
surprising because the range of ionization energy
for these ions is about the same (IP(Fe+)=16.2 eV,
MNRAS 000, 1–19 (2014)
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Figure 3. Continuum-subtracted iso-velocity images of the Weigelt complex. The identification of the transition is indicated at the
left of each row and phase of the spectroscopic cycle is labelled at the top of each column. The iso-velocity images (δV = 20 km s−1) show
the emission coming from a plasma moving at −40 km s−1, which corresponds to the observed Doppler velocity of the Weigelt complex.
The arrows indicate the direction and length of the region we used to extract the intensity profiles shown in Fig. 4. The color scale
for each transition was chosen so as to highlight the emission coming from the two Weigelt knots individually. North is
up and East is to the left.
Table 3. Measured distance from the central source and position angle of the Weigelt knots.
Ion
Weigelt Average distance from the central source (arcsec)
PAa
knot Φ = 12.085 12.163 12.323 12.516 12.680 12.839
Ar2+
C 0.156±0.013 0.233±0.013
no data
0.248±0.013 0.236±0.013
no data
298◦
D 0.191±0.013 0.273±0.013 0.287±0.013 0.263±0.013 333◦
He0
C N.M.b 0.194±0.019 0.221±0.008 0.202±0.013 0.196±0.010 0.186±0.013 296◦
D N.M.b 0.264±0.019 0.257±0.008 0.256±0.008 0.228±0.014 0.248±0.013 333◦
Fe2+
C 0.176±0.010 0.211±0.008 0.236±0.008 0.205±0.006 0.198±0.007 0.199±0.005 302◦
D 0.229±0.015 0.281±0.007 0.300±0.005 0.304±0.008 0.289±0.005 0.287±0.005 340◦
N+
C 0.185±0.013 0.232±0.013 0.246±0.013 0.238±0.013 0.232±0.013
no data
298◦
D 0.241±0.013 0.276±0.013 0.293±0.013 0.298±0.013 0.291±0.013 340◦
Fe+
C 0.170±0.007 0.196±0.009 0.200±0.008 0.197±0.006 0.200±0.006 0.197±0.005 303◦
D 0.294±0.006 0.296±0.006 0.318±0.005 0.344±0.009 0.327±0.008 0.339±0.005 347◦
Ni+
C 0.170±0.009 0.193±0.009
no data
0.193±0.009 0.202±0.009
no data
304◦
D 0.284±0.013 0.290±0.009 0.333±0.009 0.334±0.009 347◦
aAverage position angle.
bNot measured due to low line flux and blend with the central source.
MNRAS 000, 1–19 (2014)
The Weigelt complex 7
10−15
10−14
10−13
10−12 (a) [Ar III] λ7137 12.085
12.163
12.839
12.516
12.681
12.839
(b) He I λ4714
10−15
10−14
10−13
10−12 (c) [Fe III] λ4659 (d) [N II] λ5756
0.00 0.25 0.50
10−15
10−14
10−13
10−12 (e) [Fe II] λ4815
0.00 0.25 0.50
(f) [Ni II] λ7413
(g) [Ar III] λ7137 (h) He I λ4714
(i) [Fe III] λ4659 (j) [N II] λ5756
0.00 0.25 0.50
(k) [Fe II] λ4815
0.00 0.25 0.50
(l) [Ni II] λ7413
∆r (arcsec) ∆r (arcsec)
f λ 
(er
g s
−
1  
cm
−
2  
Å−
1 )
Weigelt C (P.A.=300°) Weigelt D (P.A.=340°)
Figure 4. Time variation of the radial flux profiles of Weigelt C (left panel) and D (right panel) for selected representative transitions
of high (top row), intermediate (middle row), and low (bottom row) excitation lines. These profiles were extracted exactly along the PA
indicated at the top of the two panels (indicated by the arrows in Fig. 3). The triangle indicates the updated position for each knot
based on the results from Smith et al. (2004). Note that the triangle matches the maximum emission for the intermediate/high ionization
potential ions and not the low ones (see text for details). Different curves correspond to different phases of the spectroscopic cycle.
IP(Fe++)=30.7 eV; IP(N+)=14.5 eV, IP(N++)=29.6
eV;
see Table 2). Therefore, we would expect them
to coexist within the same region. Instead, emission
from N+ is observed at positions closer to that from
the ion Ar2+ (IP(Ar++)=27.6 eV; IP(Ar3+)=40.7
eV).
Weigelt C does not show any discrepancies
for the position of low ionization ions like Fe+
(IP+7.9 eV)
and Ni+ (IP=7.6 eV);
they are vary similarly with time. For these ions,
the relative increase in the distance betweenWeigelt
C and the central source is about 20%, whereas for
the emission from the high ionization ions, the rel-
ative distance is about 3 times larger.
Interestingly, Weigelt D shows a different ion-
ization structure than Weigelt C. In Weigelt D,
emission from high ionization potential ions are
seen closer to the central source than the low ones
(Fig. 6b). At phases as early as 0.085, Weigelt D is
already divided into three clearly separate regions
of low, intermediate, and high ionization potential
ions. The maximum relative increase in the distance
from the central source to Weigelt D, measured us-
ing the low ionization ions, is about 15%, whereas
for the intermediate and high ionization ions, the
relative increase in the distance ranges from 25 to
50%.
One remarkable feature not noticed in previous works
is that, for both knots, the PA of the maximum flux
for a given spectral line depends on the ionization po-
tential. The peak flux position for high ionization ions
is observed at smaller PA than low ionization ions. The
range in the PA with the ionization potential is smal-
ler for C than for D (see the PA indicated in the le-
gends of Fig. 6 and Table 3). The dependence of the PA
on the ionization potential was not noticed previously as
only narrow- (≈ 40 Å) or medium-band (≈ 550 Å) ima-
ging filters were used to measure the position of the Weigelt
knots (Weigelt & Ebersberger 1986; Hofmann & Weigelt
1988; Weigelt et al. 1995; Dorland et al. 2004; Smith et al.
2004; Weigelt & Kraus 2012), which does not suffice to dif-
ferentiate the line from the continuum emission.
The narrow-band imaging filters F631N and F658N, of-
ten used to map the Weigelt knots, include contributions
from continuum and line emission from [S iii] λ6313 and
[N ii] λ65856, respectively, causing the position of the optical
6 Smith et al. (2004) estimate that at most 15% of the total flux
is due to line emission.
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Figure 5. Ionization structure of the Weigelt complex right after
periastron (left panels) and around apastron (right panels). From
(a) late periastron to (b) apastron, both the flux and the size of
the Fe2+ emitting region increase considerably. In contrast, the
Fe+ region decreases in size (c–d), although the overall Fe+ flux
does not change. North is up and East is to the left.
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Figure 6. Measured distance of Weigelt C and D from the
central source. The observed stratification due to the incident
radiation is different for each structures. As also reported
by Remmen et al. (2013), in Weigelt C, the high ioniza-
tion/excitation lines are observed farther away from the central
source than the low ionization/excitation ones. The opposite oc-
curs in D. The number in parenthesis indicates the determined
PA for the peak of emission for the ion.
knots to be biased towards the position of maximum emis-
sion from intermediate to high ionization ions. Moreover, the
spectroscopic studies performed with single slit sampled only
specific position angles with the slit centered upon η Car. In
this work, we can differentiate both spatially and spectro-
scopically and focus only on the emission from the Weigelt
complex, excluding high velocity structures.
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Figure 7. ACS/HRC image (F250W and F220W, Pro-
posal ID 10844 PI K. Davidson) at two different phases:
(a) 0.560 and (b) 0.873. The actual phase (ϕ) for each ob-
servation is indicated in the labels. Note that the periastron
image was obtained on 2002 Oct 14 (Φ = 10.873). The sym-
bols mark the position of the peak of emission of the indicated
ions. The contours illustrate the distribution of bright infrared
structures detected on NACO imaging obtained on 2002 Nov 16
(Φ = 10.889; Chesneau et al. 2005) using the NB_374 filter (cent-
ral wavelength around 3.74 µm; dominated by emission from the
hydrogen line Pfγ). The ACS/HRC and the NACO images were
obtained just one month apart. Regions of low near-UV flux cor-
respond to the location of the bright infrared structures. The peak
of line emission is observed around these bright infrared struc-
tures, similar to the near-UV flux, suggesting that the optical
Weigelt knots are, actually, UV-illuminated (and consequently
ionized) parts of the infrared bright structures. North is up and
East is to the left.
In Fig. 7, we compare our maps to the distribution of
bright infrared structures around the central source as detec-
ted by Chesneau et al. (2005). For Weigelt D, the position of
the peak in the line emission for the ions used in this work is
at the edges of the bright northern structure dubbed D′. Low
ionization potential ions are always located at positions with
higher PA than the high or intermediate ionization potential
peaks. Also, the infrared structure (Weigelt D′) is spatially
coincident with the low near-UV flux region, suggesting that
the line emission and the near-UV flux are both delineating
the edges of a large structure seen only at wavelengths longer
than the optical. This suggests that the Weigelt knots seen
in the optical are not a physical structure but an illumin-
ation effect caused by the incident UV radiation from the
central source illuminating the outer parts of the infrared
bright structures.
3.3 Proper motion and formation date
The changes in the ionization structure of the
Weigelt knots led us to wonder if they have any
influence on the measurements of proper mo-
tion as done in previous work (e.g. Weigelt et al.
1995; Dorland et al. 2004; Smith et al. 2004;
Weigelt & Kraus 2012). This is important because
changes in the ionization structure can lead to
variations in the measured position of the knots as
seen in HST images, resulting in misleading ejection
dates. This is especially true if observations are
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Figure 8. Proper motion and ejection date of Wei-
gelt C (open symbols) and D (filled symbols). Projec-
ted distance from the central source as measured by
Hofmann & Weigelt (1988) (diamonds), Dorland et al.
(2004) (triangles), Smith et al. (2004) (squares), and this
work (circles).
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Figure 9. Absolute (a–f) and relative (g–l) brightness variations
in the Weigelt complex. The filled circles correspond to Weigelt
C and the open diamonds, to Weigelt D. Note that the abso-
lute brightness was not corrected by extinction. Instead, the de-
reddened brightness for each line is listed in Table 4.
not obtained at the same phase within each orbital
cycle.
In order to evaluate the influence of the ionization
changes in the proper motion measurements, we used data
from Hofmann & Weigelt (1988), Dorland et al. (2004), and
Smith et al. (2004) to compare with the measurements
presented in this work. The results are shown in Fig. 8.
First, we determined the fractional variation
of the [N ii] λ5756 line emission in our dataset for
each phase and then subtracted the corresponding
amount from the position of the knots as measured
using HST narrow images. Without any correction
due to ionization effects, we derived a proper motion
of ÛθC = 2.3 ± 0.6 and ÛθD = 3.1 ± 0.8 mas yr−1 for Weigelt
C and D, respectively. After accounting for changes
in the ionization structure, we derived proper mo-
tions of ÛθC = 2.5 ± 0.3 and ÛθD = 3.2 ± 0.6 mas yr−1 for
Weigelt C and D, respectively. This is still consistent
with the previous results, indicating that changes in
the ionization structure have small influence over
the position of the structures measured using HST
narrow filter. Note, however, that for spectral im-
ages obtained at phases ϕ < 0.15 or ϕ > 0.85, it is
important to correct for the changes in the ioniz-
ation structure, since at these phases the position
of the knots as measured by intermediate or high
ionization potential ions can change by significant
amounts.
The derived average epoch of formation of
the Weigelt structures is 1907 (±16 yr), which
is in accordance with 1908 (±12 yr) and 1880
(±20 yr) obtained by Smith et al. (2004) and
Weigelt & Kraus (2012), respectively. Also, consid-
ering only measurements from Hofmann & Weigelt
(1988) and Smith et al. (2004) (less discrepancy
between measurements), results in ÛθC = 2.2 ± 0.3,
ÛθD = 2.5 ± 0.4 mas yr−1, and an epoch of formation
of 1902 (±15). It should be noticed that radiative
erosion would mimic a faster proper motion, in
which case dates earlier than 1907 are plausible.
Although our results do not agree with the average value
of 1934.1 derived by Dorland et al. (2004), we note that their
lower and upper limits (31.7 and 16 yr, respectively) encom-
passe our values.
3.4 Line ratio diagnostics
We derived the brightness, electron density and
temperature, and dilution factor for the struc-
tures forming the Weigelt complex using the
atomic models described in Bautista (2004) for Ni+,
Bautista et al. (2000) for He0, Zhang & Pradhan
(1995) and Bautista & Pradhan (1996) for Fe+, and
Bautista et al. (2010) for Fe2+.
3.4.1 Brightness
The measured brightness was de-reddened by
an average total extinction AV = 2.0; RV = 4.
(Davidson et al. 1995; Hamann et al. 1999) and
the results are presented in Table 4.
Weigelt C is brighter than D during most of the orbital
cycle for emission from intermediate or high ionization po-
tential ions (Fig. 9a–d). This is especially true for phases
0.085, 0.163 and for the entire light curve from He0 trans-
itions (this particular case will be addressed in details in
section 3.4.3). On the other hand, line emission coming from
low ionization potential ions do not show significant changes
in brightness throughout the cycle (Fig 9e–f ).
Fig. 9g–l shows the line brightness variations across the
orbital cycle normalized to the line brightness observed at
Φ = 12.516. When we look at the emission from interme-
diate and high ionization potential ions, Weigelt D shows
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Table 4. De-reddened brightness of the Weigelt knots. The observed flux was corrected using AV = 2 and RV = 4.
Spectral line
Weigelt I0λ (10−10 erg s−1 cm−2Å−1 arcsec−2)
knot ID Φ = 12.085 12.163 12.323 12.516 12.680 12.839
[Ar III] λ7137
C 0.322±0.004 0.965±0.005
no data
1.628±0.010 1.956±0.012
no data
D 0.101±0.001 0.656±0.002 1.256±0.008 1.344±0.008
He I λ4714
C 0.145±0.003 0.309±0.004 0.360±0.004 0.429±0.005 0.442±0.005 0.461±0.006
D 0.050±0.001 0.120±0.001 0.170±0.001 0.202±0.001 0.208±0.001 0.183±0.001
[Fe III] λ4659
C 0.644±0.007 1.205±0.007 1.300±0.004 1.458±0.008 1.748±0.012 1.893±0.013
D 0.316±0.001 0.833±0.002 1.085±0.004 1.287±0.007 1.407±0.009 1.319±0.008
[N II] λ5756
C 3.868±0.039 6.373±0.031 6.625±0.023 7.067±0.030 8.202±0.045
no data
D 1.988±0.010 4.423±0.015 5.250±0.029 5.893±0.028 6.202±0.035
[Fe II] λ4815
C 1.900±0.017 1.880±0.013 1.842±0.013 1.767±0.014 1.748±0.012 1.962±0.015
D 1.943±0.017 1.748±0.010 1.741±0.010 1.836±0.011 1.868±0.014 2.044±0.018
[Ni II] λ7413
C 1.022±0.007 1.028±0.007
no data
1.028±0.008 1.047±0.007
no data
D 0.946±0.007 0.946±0.005 0.984±0.006 1.010±0.006
the largest variation relative to apastron. Between phases
0.085 and 0.516, the brightness of Weigelt D increases
faster than that of C. After phase 0.516, the brightness
of Weigelt D begins to fade whereas that of C continues to
increase (at least until ϕ = 0.839).
The low ionization potential lines do not show signi-
ficant changes in the brightness for either knot, which is
expected since even the primary star (cooler than the sec-
ondary) can maintain the population of the low energy levels
of these ions. However, we note that emission from Fe+ does
show a small increase (about 10%) in the brightness of both
knots at phases ϕ=0.085, 0.163, and 0.839. At these
phases, the size of the low ionization emitting region in-
creases as the higher ionized plasma recombines (cf. Fig. 5b).
At early phases (ϕ = 0.085 and 0.163), Wei-
gelt C becomes brighter than D by a factor of
2–3 in the light of the forbidden transitions from
high/intermediate ionization potential ions (see
Table 4). This variation can be explained if most
of the illuminated face of the near-infrared bright
structure, Weigelt D′, is turned away from us due
to its orientation regarding our line of sight and the
central source. This scenario is illustrated in Fig. 10
where the inclination of 37◦ relative to the line of
sight was obtained based on the distance between
the structures and the central source derived from
the determination of the dilution factor (see sec-
tion 3.4.4). In this configuration, Weigelt D′ would
be almost aligned with the line of sight to the cent-
ral source, and the optical emission lines that we
observe would be formed both on the ablated bor-
ders of the near-infrared structure (where mostly of
the lines from the intermediate and high ionization
potential ions are formed) and the diffuse radiation
field that forms around and behind it (where lines
from the low ionization potential ions are formed).
In other words, it seems that we are looking at Weigelt
D′ from behind it (or in conjunction regarding the primary
star), whereas the emission lines would be formed in the
ionized halo around the borders of this structure invisible
in the optical, but detectable in the near-infrared region.
Thus, any intrinsic changes in the illumination of the knots
by the central source would be converted to a higher rate of
variation in the brightness of Weigelt D′ than for Weigelt C′
simply because the projected area (as seen by the observer)
where the lines are formed, is smaller in the former than in
the latter.
Therefore, it is likely that the differences between the
brightness of the knots is a result of their relative orientation
regarding the observer’s line of sight to the central source,
and not to an intrinsic reduced ionizing flux impinging upon
Weigelt D′ only.
3.4.2 Electron density
We compared the observations with the results from atomic
models for Fe+ and Fe2+ to infer the local physical conditions
in the Weigelt knots.
Our Fe+ model accounts for photo-excitation due to the
external radiation field from the central source. The total
fluxes for a selected group of density-sensitive transitions
from Fe+ and Fe2+ were measured within the same regions
mentioned in the previous section. We calculated the ratio
between the total fluxes for each pair of transitions listed in
Table 5 and determined the corresponding range of allowed
electron densities. The observed line ratios (averaged over
the orbital cycle) and the results from our atomic models
for a set of electron temperatures are shown in Fig. 11. The
derived range of allowed electron densities for each line ratio
is shown in Table 5.
Due to their low ionization potential energy (only 7.9 eV
above ground state), in addition to collisional excitation/de-
excitation, Fe+ ions can also have their low-lying level pop-
ulation modified by photo-excitation due to an external ra-
diation field. This is obviously the case for the Weigelt com-
plex where η Car A and B provide a variable and relatively
strong UV radiation field.
During most of the orbital cycle, the Weigelt complex is
illuminated by both stars. The primary provides a radiation
field with radiation temperature Trad ≈ 104 K whereas the
secondary is responsible for the high temperature radiation,
Trad ≈ 3.5 × 10
4 K. Close to periastron passages, however,
the secondary gets enshrouded by the dense primary wind,
causing the radiation temperature to drop to Trad ≈ 104 K
(the temperature in the outer parts of the primary wind).
Thus, in the Weigelt complex, the population of the low-
lying levels of Fe+ ions is expected to vary according to the
characteristic temperature of the incident radiation. The ef-
fect of photo-excitation on the [Fe ii] λ4815/λ4776 line ratio,
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Figure 11. Time-averaged observed line ratios from (a) Fe+ and
(b–d) Fe2+. The horizontal solid line is the observed line ratio av-
eraged over the interval Φ = 12.085 − 12.839, whereas the shaded
area corresponds to its absolute error. For the [Fe ii] λ4815/4776
line ratio in (a), we also show the effect of photo-excitation for a
dilution factor logw = −9 and two different radiation temperat-
ures Trad = 104 K and 3.5 × 104 K. Each curve corresponds to a
different electron temperature as indicated in (d).
when the radiation temperature changes from Trad = 104 K
to 3.5 × 104 K, is illustrated in Fig. 11a.
On one hand, at Trad = 104 K, photo-excitation pro-
cesses have little influence on the line ratio for electron
densities log Ne > 6, as compared to calculations without
photo-excitation. Even at electron temperatures as low as
Te = 5000 K, in the high electron density regime, the level
population calculated including photo-excitation processes
does not differ from that without it. In other words, since
the critical density for [Fe ii] λ4815 and [Fe ii] λ4776 is
Table 5. Density sensitive line ratios.
Ion Line ratio
Observed log Neb 〈log Ne 〉c
ratioa (cm−3) (cm−3)
Fe+ λ4815/λ4775 3.265 ± 0.062 6.6 − 7.4 7.2+0.2−0.6
Fe2+
λ4659/λ4608 11.451± 0.304 5.9 − 7.1
6.8+0.4−0.7λ4756/λ4702 0.439 ± 0.006 6.8 − 7.6
λ4771/λ4735 0.989 ± 0.037 5.9 − 6.9
Average densityd 6.9+0.4−0.6
aTime-averaged line ratio.
bRange of allowed time-averaged densities.
cAverage density for each ion.
dBased on the average density for each ion.
∼ 107 cm−3, under a relatively weak radiation field and local
densities log Ne > 6 the line emission is mainly due to colli-
sional processes.
On the other hand, at Trad = 3.5 × 104 K, the low-lying
levels might be substantially affected by photo-excitation.
However, the importance of this processes will be ultimately
defined by the local electron density and temperature. For
high temperatures (Te > 104 K) and densities (log Ne > 7),
collisional processes dominate over radiative transitions and
the level population will be set by collisions. For low electron
temperatures (Te < 104 K) and local densities < 109 cm−3,
radiative processes are an important source in populating
the levels.
Therefore, we expect the line ratio [Fe ii] λ4815/λ4776
to vary across the orbital cycle according to the charac-
teristic temperature of the incident radiation. Indeed, the
derived electron density does show a small, yet clearly de-
tectable, variation as a function of the phase of the spec-
troscopic cycle (Fig. 12). During most of the orbital cycle
(12.1 < Φ < 12.8), the electron density, as derived from
the [Fe ii] λ4815/λ4776 line ratio, is essentially constant and
lower than that determined at phases 0.085 and 0.163.
This is a direct result of changing the temperature of the
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Figure 12. Electron density over the orbital cycle. The sym-
bols indicate the average electron density for Weigelt C (circles)
and D (diamonds) derived using line ratios from Fe+ (red) and
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Figure 13. (a) Electron temperature over the orbital cycle, for
each knot, as derived from the He i λ7283/λ7065 line ratio. (b)
Comparison between the observed (black symbols) and predicted
(connected red symbols) variations in the specific intensity of
He i λ4714. We used a fixed electron density of 106.9 cm−3 and the
temperatures shown in (a) to calculate the brightness of the line
at each epoch relative to apastron (Φ = 12.516). For Φ = 12.323,
we used an interpolated value for the electron temperature. Since
we do not have data for He i λ7065 or He i λ7283 at Φ = 12.839,
we did not attempt to model the brightness at this epoch. Meas-
urements for Weigelt C were shifted by 0.5 in the ordinate axis.
incident radiation. The small amplitude (less than 0.15 dex)
of the variation in the electron density across the orbital
cycle implies that radiative processes are comparable to col-
lisional processes, which for the observed line ratio would
only occur for electron temperatures Te > 104 K.
For the electron density diagnosis using Fe2+ trans-
itions, we used three suitable line ratios (Fig. 11b–d). At
each phase, the electron density was derived by considering
the average value after cross-correlating the allowed range
of densities from each line ratio. The result is also shown in
Fig. 12. As opposite to Fe+, Fe2+ ions are not sensitive to
the radiation field and, therefore, do not show any trend or
systematic variation across the orbital cycle.
3.4.3 Electron temperature
In order to probe the electron temperature of the Weigelt
complex, we used the ratio between He0 lines arising from
singlet and triplet states. This method relies on the differ-
ence between the electron impact excitation coefficient rate
for each He0 state, which varies as a function of the elec-
tron temperature (Boivin et al. 2001). For electron densities
ne . 10
11 cm−3, this method results in relatively accurate
diagnostics for the plasma temperature.
The He i λ7283/λ7065 line ratio was chosen for many
reasons. Since the lines are in the red part of the optical win-
dow and are close to each other, they are relatively less sus-
ceptible to extinction effects. Furthermore, both lines have
the same branching ratio and are strong in the spectrum
of the Weigelt knots, since they arise from n = 3. The only
potential problem with this line ratio is the close proxim-
ity of the 2 3S meta-stable level. Since the optical depth for
a line transition is proportional to the population of the
lower level, the large population of the meta-stable level
increases the optical depth for the 2 3S − n 3P transitions
(Benjamin et al. 2002), leading to important radiative trans-
fer effects.
For the triplet line of interest in our analysis –
He i λ7065 (2 3P− 3 3S) – there are two optical depth effects
that may play a role in an optically thick plasma. First, a
large optical depth for the He i λ3889 (2 3S − 3 3P) can in-
crease the λ7065 line intensity by converting λ3889 photons
into λ4.3 µm plus λ7065 plus λ10830 photons. Second, a
large optical depth for 2 1P - 11S would increase the pop-
ulation of the 21P level by orders of magnitude; thus colli-
sional transitions would populate the 23P level, leading to
re-absorption of λ7065 photons and thus a decrease in the
observed line intensity. The net result of these optical depth
effects is, however, difficult to estimate and, in order to be
adequately studied, would require full three-dimensional ra-
diative transfer modeling, which is out of the scope of the
present work. Here, we just assume, for simplicity, that the
net result does not considerably affect the He i λ7065 line
intensity.
We set up He i atomic models for a plasma in two dif-
ferent regimes: optically thin (Case A) and optically thick
(Case B) to radiation originating from transitions to n = 1.
The atomic models were set for three electron densities (min-
imum, average, and maximum value, as determined in the
previous section; see Fig. 14) for each Weigelt knot. Natur-
ally, the average electron temperature was determined using
the curve for the average electron density, whereas the uncer-
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Figure 14. Electron temperature diagnostic from the line ratio
He i λ7283/λ7065. Three different electron densities (log Ne = 6.3,
6.9, and 7.2) were used to calculate the line ratio curves shown
here (dashed and solid lines correspond to optically thin and thick
regimes, respectively). The horizontal lines in both panels corres-
pond to the observed ratio for each phase of the spectroscopic
cycle as labelled in the right panel.
tainty in Te was determined by the curves for the minimum
and maximum ne (Fig. 13a).
The optically thin regime is not a good approximation
for either knot at φ > 0.1, for which the observations can
only be reproduced by an optically thick plasma (Fig. 14).
This is fact expected; given that the Weigelt complex has a
rich spectrum of low ionization species (e.g. Fe+), most of
the helium content must be neutral (He+/He0 ≈ 0), resulting
in large optical depths.
The changes in the electron temperature over the or-
bital cycle are shown in Fig. 13a. The absolute error in the
measured ratio is about 1 per cent. The observed ratios for
phases 0.516 and 0.681 are close to the local minimum of
the line ratio models for Case B, which results in large un-
certainties for the determined temperatures. Nevertheless,
it is apparent that Weigelt C has a higher electron temper-
ature than D at phases 0.085 and 0.163. The difference
is not large but is sufficient to be clearly detected at these
phases. This also can be explained by the orientation of the
knots relative to our line of sight to the central source. If
Weigelt D is in inferior conjunction, then most of its ion-
ized region is blocked from our view, and only part (closer
to the central source) of the relatively cool borders of the
structures will contribute to the observed line flux. Weigelt
C would be apparently hotter than D in the case where we
can see a relatively large fraction of the ionized region (the
morphology of Weigelt C could also play an important role
here).
In order to check the reliability of the determined elec-
tron temperatures, we attempted to reproduce the observed
normalized brightness of the He i λ4714 line by providing
the atomic models with the derived Te for each phase of the
spectroscopic cycle. Thus, we solved the equations for level
population at each electron temperature and used the fol-
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Figure 15. [Fe ii] λ4641 line emissivity as a function of the radi-
ation temperature (left panel) and dilution factor (right panel).
The upper panels show the variations in the line emissivity in a re-
latively low density plasma (104 cm−3), whereas the lower panels
are for a high density one (106.9 cm−3). Note that, for example,
changing w from zero (no photo-excitation) to 10−8 causes the
line emissivity from a high density plasma to be enhanced by a
factor of 102, for a star with Teff = 4 × 104 K. In the low density
plasma, the same change in w would result in a change in the
emissivity by a factor of 107. For these calculations, we assumed
an electron temperature of Te = 6000 K.
lowing relation7 to determine the normalized intensity of the
line
Iλ(Φ)
Iλ(Φ0)
=
(
Ni
Nj
)
Φ(
Ni
Nj
)
Φ0
, (1)
whereΦ0 (=12.516) is the epoch chosen as the normalization
factor, and thus, the left-hand side of the equation is the
normalized brightness of the line, whereas the right-hand
side is the relative change (due to Te) in the population of
the levels involved in the transition. The results are shown in
Fig. 13b, where it can be seen that the observations can be
reproduced by the derived electron temperatures at a fixed
electron density of 106.9 cm−3 (the average derived density).
3.4.4 Distance from the central source
Since both ions, Fe+ and Ni+, have almost the same low ion-
ization potential (less than 8 eV), the strong UV radiation
field associated with η Car A and B can alter the distri-
bution of the energy levels population via photo-excitation.
This is especially true in low density nebulae, where photo-
excitations can significantly contribute to the line emissivity.
Even at high density, where collisional processes dominate,
photo-excitations can still affect the line emissivity, depend-
ing on the luminosity of the radiation source.
It is crucial, therefore, to take into account the contri-
butions from the background radiation photo-excitations to
the level population. This is usually achieved by assuming
7 Demonstrated in Appendix A
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Figure 16. Dilution factor plots for ne = 106.9 cm−3, Te = 6000 K,
and five different radiation temperatures, Trad. For an excit-
ing/ionizing source with Trad = 3.5 × 104 K (secondary star),
we have an average logw = −9.1, or r/R∗ = 8472. If the ex-
citing/ionizing source has Trad = 104 K (Trad = 1.5 × 104 K),
then the average logw = −6.3 (logw = −7.6) would correspond to
r/R∗ = 353 (r/R∗ = 1578).
that the background radiation source radiates like a black-
body, in which case the mean intensity of the radiation field
is given by
Jλ =
1
2
©­«1 −
√
1 −
R2∗
r2
ª®¬ Bλ(Trad), (2)
where Jλ is the mean intensity at a distance r from a radi-
ation source that has a radius R∗, and Bλ(Trad) is the spectral
radiance of a blackbody at temperature Trad. Therefore, by
parametrizing the mean intensity as Jλ = w Bλ(Trad), we in-
troduce the dilution factor w, defined as (for large distances)
w =
1
4
(
R∗
r
)2
. (3)
Thus, by simply providing a temperature and a dilution
factor, the photo-excitation contributions can be evaluated
and accounted for within atomic models. As an example,
the effect of including photo-excitation on the calculation of
the [Fe ii] λ4641 line emissivity8 as well as its dependence
with Teff and w are illustrated in Fig. 15. Thus, by determ-
ining the dilution factor, one can infer the distance to the
radiation source.
For the Weigelt complex, we used two specific line ra-
tios to probe the dilution factor. Namely, [Fe ii] λ4815/λ4640
and [Ni ii] λ7413/λ7379. The former was chosen because
[Fe ii] λ4815 responds differently than [Fe ii] λ4640 for vari-
ations in the dilution factor. Both lines are sensitive to
photo-excitation, but [Fe ii] λ4640 is less sensitive than
8 Defined as ελ = ∆E Ai j ni , where ∆E is the energy difference
between the upper level i and the lower level j, Ai j is the spon-
taneous decay coefficient, and ni is the number density of the
upper level.
[Fe ii] λ4815 for dilution factors logw < −8.5. As an example,
a plasma with log Ne = 6.9 and Te = 6000 K being illumin-
ated by a star with Teff = 4 × 104 K, will have the line
emissivity of [Fe ii] λ4640 increased by a factor of 10 while
that of [Fe ii] λ4815 will increase by a factor of 200, when
the dilution factor changes from 10−11 to 10−8.5.
As for the [Ni ii] λ7413/λ7379, this is a well-known line
ratio (Lucy 1995; Bautista et al. 1996, 2006, and references
therein) for which the λ7379 line emission is enhanced by
continuum UV pumping. The first step of this process oc-
curs via the strong dipole transition from the ground state
a 2D5/2 to the opposite odd parity level z
2D0
5/2
(λ1742). It
is followed by spontaneous decay to a 2F7/2 via another UV
transition at 2279 Å, which thereby enhances the population
of the upper level that gives rise to the [Ni ii] λ7379 line.
Since the radiation from either star can be respons-
ible for the photo-excitation of the low lying levels of Fe+
and Ni+, we employed atomic models with different Trad for
a fixed electron density and temperature of log Ne = −6.9
and Te = 6000 K, respectively. Note that these are the
time-averaged values. Based on previous work, the effect-
ive temperature of the secondary star should be in the
range 3− 4× 104 K (Verner et al. 2005; Teodoro et al. 2008;
Mehner et al. 2010). As for the primary, the effective tem-
perature (where τRoss = 2/3) should be around 104 K due to
its extended, optically thick LBV wind (Hillier et al. 2001;
Groh et al. 2012). The results are shown in Fig. 16, where
we present the observed line ratio at phase 0.085 and
0.516. It is evident, as expected, that they do not change
significantly.
On one hand, the observed line ratios suggest an average
dilution factor of about log w = −9.1 for Trad = 3.5 × 104 K,
which would correspond to the secondary star. On the other
hand, if the background radiation source is ascribed to the
primary star, with Trad = 104 K, then log w = −6.3. From
Eq. 3, a log w = −9.1 corresponds to r/R∗ = 8472, whereas
a logw = −6.3 implies r/R∗ = 353. Thus, the distance of
the Weigelt complex to the central source can be estimated
if we adopt a reasonable value for the radius of the star
responsible for the photo-excitation.
X-ray observations and 3D hydrodynamics simulations
suggest that the secondary star has a radius of about
30 R⊙ (Corcoran & Hamaguchi 2007; Okazaki et al. 2008;
Parkin et al. 2009; Madura et al. 2012). If we assume that
this is a fair classification for the secondary star and
that it is responsible for the background radiation dur-
ing most of the orbital period, then it would imply that
the Weigelt complex is about 1020 AU from the central
source. Alternatively, if the primary is the main source of
the UV continuum radiation, then assuming a radius of
R(τRoss = 2/3) = 890 R⊙ (Hillier et al. 2001) would corres-
pond to a distance of 1460 AU to the Weigelt complex.
Either way, given the uncertainties in the stellar radii, we
can say that the results are in good agreement, and an aver-
age value of 1240 (±220) AU can be assumed. A caveat here
is that the primary star might not be well represented by
a blackbody due to strong absorption by Fe+ transitions in
the stellar wind.
At a distance of 2350 pc (Smith 2006), the average pro-
jected position of Weigelt D of 0.316 (±0.026) arcsec (as
measured by Fe+ and Ni+ emission lines) would correspond
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Figure 17. Orientation of the Weigelt structures. The Homun-
culus nebula has an inclination angle of iH = 41◦, whereas the
Weigelt complex has iW = 143◦. We adopted the geometry and
distance to the Homunculus nebula derived by Smith (2006). The
observer is looking at the system from the left.
to a projected distance of 743 (±61) AU. Thus, the angle
between Weigelt D and the line of sight to the observer, as
seen from the central source, is about 37◦ (±12◦), which im-
plies iW = 143◦ (±12◦) (see Fig. 17 for the definition of the
inclination angle, iW). This result confirms that the Weigelt
complex is indeed located in the equatorial region (and near
the binary orbital plane, as well). Again, the large error in
the calculations are due to uncertainties in the stellar radii.
4 DISCUSSION
4.1 The optical Weigelt knot B
Since several previous observations always repor-
ted the observations of three optical structures (e.g.
Weigelt & Ebersberger 1986; Hofmann & Weigelt 1988;
Weigelt et al. 1995; Smith et al. 2004; Weigelt & Kraus
2012) and we only detected two of them (C and D) in the
HST/STIS data, one might wonder where knot B is. From
our analysis of the specific intensity throughout the Weigelt
complex, we only detected two regions that significantly
contribute to the total flux at velocities around −40 kms−1,
namely, Weigelt C and D. We did not detect any structure
that could possibly be associated to the optical knot B.
What could have happened to it?
One possibility is that this structure has been at least
partially photo-evaporated by the strong radiation pres-
sure and stellar wind from the central source. However,
given the estimated mass of these knots, ∼ 10−3 − 10−2 M⊙
(Smith et al. 2003; Hamann et al. 1994; Davidson et al.
1995), this process would require a sustained unrealistic high
mass-loss rate in the range 10−5 − 10−4 M⊙ yr−1, over the
period 1988 − 2012, in order to completely photo-evaporate
a structure like this. The situation gets even worse consider-
ing that narrow band H alpha images (filter width = 4 nm)
taken in 2008 show a knot brighter than Weigelt D that can
be associated to knot B (see figure 1d of Weigelt & Kraus
2012). This suggests that photo-evaporation is not a realistic
explanation.
A rapid decrease of the illumination of Weigelt D′ at
the position of the optical knot B, and/or obscuration by
Weigelt D′ in our line of sight, offers a simpler explana-
tion for the observed brightness drop. This effect is also ob-
served in young stellar objects (YSOs). For example, the
knots in Hubble’s variable nebula (surrounding the Herbig
Be star R Mon) can change their brightness within months
(Lightfoot 1989; Scarrott et al. 1989). In the case of the Wei-
gelt complex, it is evident that the physical structure can-
not change so fast because of the large size and distances
involved, but illumination or obscuration can change as fast
as observed.
Given the much more extended Weigelt D′ structure,
a combination of photo-evaporation, illumination and ob-
scuration might be the more plausible explanation of the
apparent disappearance of Weigelt B. An independent ob-
servation at radio wavelengths, where dust extinction is nil,
of emission of a hydrogen recombination line might demon-
strate that Weigelt B still exists, but is obscured to us at
visible wavelengths.
4.2 The connection between the Weigelt
structures and the Butterfly Nebula
Apart from the distance to the central source, the age and
kinematics of the Weigelt complex are within the range of
values observed for the ‘Butterfly Nebula’ (hereafter BN),
a region composed by slow-moving clumps of material dis-
tributed around the equatorial region (Chesneau et al. 2005;
Artigau et al. 2011).
The age distribution of the BN components indicates
that approximately 40% of the clumps were formed between
1840 and 1870 (during the Great Eruption), while about 30%
were formed between 1880 and 1910 (coincident with the
Lesser Eruption of 1890). Most of the clumps are moving ra-
dially outward at space velocities between 50 and 150 kms−1
(with a mode of 85 km s−1) and are located between 1500
and 4000 AU from the central source (Artigau et al. 2011).
Regarding the distance to the central source, there is
only one structure of the BN that seems to be located at a
distance similiar to the Weigelt complex: the SE clump. This
structure lies on the opposite side of the central source, sug-
gesting that it could be the SE counterpart of the Weigelt
complex. Also, an intriguing connection arises when we con-
sider the orientation of the binary orbit (Nielsen et al. 2007;
Okazaki et al. 2008; Parkin et al. 2009; Madura et al. 2012);
the Weigelt complex and the SE clump seems to be aligned
with the direction of the semi-major axis. Could the binary
nature of the central source be responsible for the observed
geometry of the BN?
For a binary system, the gravitational force (far away
from any libration point) will have a maximum intensity
along the axis joining both stars. Thus, material closer to
the orbital plane will be subject to a stronger gravitational
pull than material at high stellar latitudes. Hence, for low
eccentricity orbits, the time-averaged effect of the gravita-
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tional force over a distribution of material around the binary
system will be isotropic. In other words, the change in the
momentum of the circumstellar material will be isotropic
and, therefore, it will move away from the central source
with the same velocity, forming a ring around the binary
system.
A long-period, high eccentricity orbit, as in the η Car
system, implies that during most of the time the stars will
be aligned along the semi-major axis, which would result in
a greater time-averaged change in the momentum along this
direction than at other directions. The net result would be
a departure from the ring geometry, where now the material
along the semi-major axis is moving slower and is located
closer to the binary system than the material at any other
direction. Note that this result does not depend on the lon-
gitude of periastron, but only on the relative position of the
stars.
For a system like η Car, assuming that the primary
has 90 M⊙ , the secondary has 30 M⊙ , and they are about
30 AU apart during apastron, one can show that the gravit-
ational force will be about two times more intense along the
semi-major axis than perpendicular to it, implying a time-
averaged change in momentum by the same factor. Thus, if
there were no substantial changes in the mass of the struc-
tures forming the BN since its formation, one should ex-
pect that the distance of the Weigelt complex and the SE
clump to the central source would be about two times smal-
ler than for material at positions like the SW or NE region
(see figure 7 of Chesneau et al. 2005). The space velocity
should also differ by the same amount.
That is exactly what the observations indicate; the av-
erage distance of the Weigelt complex and the SE clump to
the central source (≈ 1700 AU) is about half of that meas-
ured for the SW and NE region (≈ 3300 AU). About the
same factor is also observed for the space velocity; the Wei-
gelt complex and SE clump are moving at an average speed
of ≈ 60 kms−1, whereas the SW and NE regions are mov-
ing at ≈ 100 kms−1 (note, however, that this value does not
adequately sample the entire SW region since Doppler ve-
locity measurements were only made for the SW clump; see
figure 10 of Artigau et al. 2011). Therefore, the geometry of
the BN might be an indication that the binary nature of the
central source could have had a strong influence on shaping
it.
4.3 The equatorial material as remnants of the
Lesser Eruption
The ages and velocities we derive in this work for the Wei-
gelt structures suggest that they are correlated to the BN
and were formed during the outburst that formed the Little
Homunculus (Ishibashi et al. 2003; Smith 2005). The age
distribution of the BN suggest that 70% of it was formed
during the epoch of the two outbursts; the first one that
formed the Homunculus and the second one associated with
the Little Homunculus. But how can such energetic events
produce slow-moving clumps as we observe in the BN?
Evidently, if the star was an RSG or YHG when the
equatorial material was ejected, then relatively low velocit-
ies are anticipated due to the low escape velocity of stars
in these evolutionary phases. But the ages derived for the
equatorial material seems to indicate that they were ejec-
ted during the outbursts and, thus, should be moving with
much higher velocities (like the two bipolar nebulae). It is
possible that, right after being ejected by an eruptive event,
the major contribution to changes in the momentum of the
clumps would be due to gravitational forces. Hence, most
of the energy acquired from the stellar outburst would have
been spent as work to drive the clump away from the central
source.
There are other two forces that will also act upon the
clump. One is the radiative force due to the radiation field
of the stars and the other is the drag force due to the stellar
wind related to the mass-loss rate. Both forces will push
the clump away from the central source, in opposition to
the gravitational pull. Assuming that the clump expands as
it moves outward so as to keep a constant solid angle, the
gravitational force will rapidly decrease to the point it will
be superseded by the drag and radiative forces, which will
then accelerate the clump. The equation of motion for such
clump is
dv
dt
= −ag + aw + ar. (4)
The first term of this equation is the gravitational accelera-
tion, given by
ag =
G M∗
r2
, (5)
where M∗ is the mass of the star and r is the distance from
the clump to the central source. The second term of Eq. 4
corresponds to the drag caused by the stellar wind, which is
given by
aw =
CD ρw(r) (vw(r) − vc)
2 πR2c
2Mc
, (6)
where CD is the drag coefficient, ρw(r) and vw(r) are, re-
spectively, the wind density (obtained from the mass-loss
rate) and velocity (a simple β-law) at a distance r of the
central source, vc and Rc are the clump velocity and radius
(both depend on r), respectively, and Mc is the clump mass.
Finally, the third term of Eq. 4 is the radiative acceleration
due to the central source, which, for simplicity9, is given by
ar =
R2c
Mc
L∗
4 c r2
, (7)
where L∗ is the luminosity of the central source. In this equa-
tion, the clump is considered optically thick. Therefore, by
estimating the contribution of each term of Eq. 4, we can
derive the full trajectory of a typical clump formed near the
central source.
As a proof of concept – that slow-moving material
can be formed in eruptions like the one that formed the
Little Homunculus –, consider a single star like the primary
(90 M⊙ , 106.7 L⊙ , and R∗ = 60 R⊙ ; Hillier et al. 2001) that
has been through an outburst similar to the one that formed
the Little Homunculus. The total kinetic energy of the Little
Homunculus (v = 250 km s−1 and m = 0.1 M⊙ ; Smith 2005)
is about 6.2 × 1046 erg. If we assume that about 7% of this
9 A more realistic approach would have to adopt the CAK the-
ory for the radiative acceleration due to both lines and electron
scattering continuum, which will be addressed in a forthcoming
paper (Teodoro et al.).
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Figure 18. (a) Velocity and (b) total acceleration as a function of
distance from the central source for a clump like Weigelt D. The
vertical dashed line in (a) is the average distance of the Weigelt
knots to the central source as derived in this paper (1240 AU; the
shaded area is the uncertainty). The total acceleration is the net
result of the combination of (c) gravitational pull, (d) drag force
due to the stellar wind, and (e) radiative acceleration. For this
simulation, we assumed a clump mass of 1.2×10−3 M⊙. The colors
indicate the time since ejection and goes from zero to 105 yr (the
derived age of the Weigelt complex).
energy was intercepted by a clump like Weigelt D′, then the
initial velocity of the clump at a distance of about 0.56 AU10
(corresponding to 2R∗) would be about 530 km s−1 (see
Fig. 18a).
Owing to the strong gravitational potential, the clump
will be decelerated to approximately 2% of the initial value
in less than 20 yr after the ejection. Meanwhile, the clump
travelled about 100 AU. At this point, the gravitational force
acting on the clump will be less than the combined contri-
butions from radiation and stellar wind, and thus the clump
begins to accelerate.
About 105 yr after the ejection, the clump will be at
1240 AU from the central source, moving at a speed of ap-
proximately 125 kms−1 (Fig. 18a), which is approximately
the parameters estimated for Weigelt D′. We did not con-
sider the binary nature of the central source in this cal-
culation, which would have influenced the final velocity of
the clump by contributing mainly with gravitational and
drag forces. Thus, slow-moving material can, in principle,
be formed even in energetic events like the ones experienced
by the central source of η Car.
At first sight, an accelerated motion for the equatorial
material may be contradictory, since most of the studies
done to establish the age of the nebular features by analysis
of their proper motion have found a uniform motion. Nev-
ertheless, this apparent contradiction can be explained by
noting that substantial acceleration of the equatorial ma-
terial should have occurred in a relatively short period of
time, just after the ejection of the material. For the model
10 We are assuming that such clumps are formed in the stellar
wind. How they are formed, though, is beyond the scope of the
present work.
discussed in this section, Fig. 18b shows that the total accel-
eration of the clump drops from −200 cm s−2 to almost zero
about 16 yr after its ejection, primarily due to the rapidly
decrease in the gravitational pull (Fig. 18c). Then, the drag
and radiative acceleration becomes dominant for the rest of
the time, but the combined components have a magnitude
of only 10−3 cm s−2 (Fig. 18d-e). Hence, the assumption of
constant motion is valid for most of the clump’s lifetime.
Note, however, that we are not affirming that the mech-
anism describe above is the only explanation for the equat-
orial structure. Our point is that it is possible to form slow-
moving structures even in high-energy events, like those ex-
perienced by η Car, and without any specific requirement for
the eruptive star (e.g. that it would be in the RSG phase).
Further detailed studies, especially at infrared and radio
wavelengths, are still required to settle the true origin of
the equatorial material.
5 CONCLUSIONS
We have presented the first full mapping of the Weigelt com-
plex using HST/STIS data obtained at different phases of
the spectroscopic cycle. The results of our analysis are sum-
marized as follows.
• The optical Weigelt knots C and D are extended struc-
tures with different sizes, shapes, and orientation regarding
our line of sight to the central source. The actual extent
of these structures is only revealed by mapping the spatial
distribution of line emission from different ions, as we have
done here;
• As suggested by previous work in the infrared region
and corroborated by the present work, the optical Wei-
gelt knots are associated with the ionized region formed
around the actual structures, where material is being photo-
evaporated;
• The position of the optical Weigelt knots, as measured
using imaging data, is the result of the contribution of each
spectral feature to the flux inside the filter used to observe
them; since most of the optical images taken with HST are
dominated by continuum and/or line emission from inter-
mediate or high ionization potential ions (e.g. [S iii] λ6313
is the brightest line inside filter F631N), the spatial location
of the optical Weigelt knots is coincident with our measured
position of the peak of emission from ions like Ar2+, He0,
Fe2+, and N+;
• Weigelt knots B and D are two different illuminated
parts of the same structure: the infrared bright structure
called Weigelt D′;
• For the ionized region around Weigelt D′, the peak of
line emission from intermediate and high ionization poten-
tial ions are located closer to the central source and at smal-
ler PAs than line emission from low ionization potential ions.
Regarding the position of the peak of line emission, the op-
posite is observed around Weigelt C′;
• Both structures show a dependence of the PA on the
ionization energy in the sense that the peak line emission
from low ionization potential ions is located at larger PAs
than intermediate or high ones. This is more conspicuous
around Weigelt D′ than around C′;
• The difference in the ionization structure of the ionized
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region around Weigelt C′ and D′ is due to their position,
shape, and orientation relative to our line of sight;
• Weigelt C is brighter than D regarding line emission
from intermediate or high ionization potential ions;
• From Fe2+ line ratio analysis, we have derived an aver-
age total extinction of AV = 2.0 ± 0.5 (adopting RV = 4.0);
• From Fe+ and Fe2+ emission line ratios, we have derived
an electron density of log Ne = 6.9 ± 0.5;
• We have shown that the electron temperature in the
Weigelt structures, as inferred from the He i λ7283/λ7065,
varies from Te = 5500 to 7200 K as the system goes from
phase 0.085 to 0.516, respectively;
• Depending on the source of the background radiation
responsible for photo-excitation, the dilution factor for the
Weigelt structures is log w = −9.1 for Trad in the range
3–4 × 104 K and log w = −6.3 for Trad = 104 K;
• Confirming previous estimates, the Weigelt complex in-
deed lies close to the equatorial plane (about 12◦ away from
it). The average distance from the central source to the Wei-
gelt structures is about 1240 AU. These results suggest that
the Weigelt structures are related to the ‘Butterfly Nebula’
in nature.
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APPENDIX A: SPECIFIC INTENSITY OF A
SPECTRAL LINE
From the formal solution of the transfer equation, we have
Iν(τν) = Iν(0) e
−τν
+ Sν (1 − e
−τν ), (A1)
where τν is the monochromatic optical depth, Iν(τν) is the
specific intensity (or brightness) of the line at τν (therefore,
Iν(0) is the brightness of the incident radiation at τν = 0),
and Sν is the source function of the medium. Assuming that
Iν(0) ≈ 0, we have
Iν(τν) ≈ Sν (1 − e
−τν ). (A2)
Recalling that, in the optically thick regime (τν ≫ 1), Sν =
ǫν/αν , where ǫν and αν are, respectively, the line emissivity
and the absorption coefficient, we can write Eq. A2 as
Iν(τν) ≈
ǫν
αν
. (A3)
For a spectral line arising from the transition i → j, the
line emissivity, ǫν , in erg s−1 cm−3Hz−1 sr−1, is given by
ǫν =
1
Ω
∆E AijNi φν, (A4)
where Aij is the Einstein coefficient for spontaneous trans-
ition (in s−1) between the upper level i (with energy Ei) and
the lower level j (with energy Ej ), separated by ∆E = Ei − Ej
(in erg), Ni is the population of ions in the upper level (in
cm−3), and Ω is the solid angle subtended by the emitting
region (in sr).
The total absorption coefficient of the transition, αν , in
cm−1, is given by
αν =
1
Ω
∆E (BjiNj − BijNi) φν, (A5)
where Nj is the population of ions on level j, gi and gj
are the statistical weight of the levels, Bji and Bij are the
Einstein coefficients for absorption and stimulated emission,
respectively. Considering that contributions from stimulated
emission are negligible relative to other line formation pro-
cesses, then BijNi ≈ 0. Therefore, combining Eq. A3, A4, A5,
and recalling the relations between the Einstein coefficients,
the specific intensity, in erg s−1 cm−2Å−1 sr−1, will be given
by
Iλ ≈
2hc2
λ5
gj
gi
Ni
Nj
. (A6)
In order to change from sr to arcsec2 (so that the specific in-
tensity unit is erg s−1 cm−2Å−1 arcsec−2), this equation must
be multiplied by (π/(3600 × 180))2 = 2.35 × 10−11. Note that
the time variable in equation A6 is the relative level popu-
lation, Ni/Nj , which is set by the local electron density (ne)
and temperature (Te) at each phase. Therefore, at a given
epoch Φ, the line brightness relative to epoch Φ0 will be
given by
Iλ(Φ)
Iλ(Φ0)
=
(
Ni
Nj
)
Φ(
Ni
Nj
)
Φ0
, (A7)
where Φ0 is an arbitrary epoch chosen as normalization
factor. In this work, we have adopted Φ0 = 12.516.
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